Abstract. We present models of giant planet formation, taking into account migration and disk viscous evolution. We show that migration can significantly reduce the formation timescale bringing it in good agreement with typical observed disk lifetimes. We then present a model that produces a planet whose current location, core mass and total mass are comparable with the one of Jupiter. For this model, we calculate the enrichments in volatiles and compare them with the one measured by the Galileo probe. We show that our models can reproduce both the measured atmosphere enrichments and the constraints derived by Guillot et al. (2004) , if we assume the accretion of planetesimals with ices/rocks ratio equal to 4, and that a substantial amount of CO 2 was present in vapor phase in the solar nebula, in agreement with ISM measurements.
Introduction
The current paradigm for the formation of giant gaseous planets is based on the so-called core accretion model in which a growing solid core reaches a critical mass and accretes rapidly a massive atmosphere (Pollack et al., 1996) . This model explains for example the global enrichment in heavy elements observed in the giant planets, and can be used to interpret the enrichments in volatiles observed in the atmosphere of Jupiter by the mass spectrometer on-board the Galileo probe Mahaffy et al., 2000) . However, while this model has many appealing features, it suffers at least from three shortcomings.
First, the timescale (close to 10 Myr) found by Pollack et al. (1996) to form Jupiter at its present location is uncomfortably close to the lifetime of protoplanetary disks which is believed to be of the order of 1-10 Myr (Haisch et al., 2001) . This timescale problem has led others to look for more rapid formation mechanisms based on direct gravitational collapse (Boss, 2002; 2004) . Second, Pollack et al. (1996) assumed that the giant planets of our solar system have been formed where they are observed today. However, the discovery over the last decade of extrasolar planets at very short distances to their host star has opened the possibility that planets may actually migrate over large distances (Lin et al., 1996; Trilling et al., 1998; Papaloizou and Terquem, 1999) . The time scale of migration is still very uncertain, but conservative estimates give values between 0.1 and 10 Myr.
Finally, the interpretation by Gautier et al. (2001a; and Hersant et al. (2004) of the enrichment in volatiles in Jupiter is not strictly speaking consistent with Pollack et al. (1996) . These authors assume, for example, that all planetesimals have been accreted by Jupiter during the late hydrodynamical phase (phase 3 in Pollack et al., 1996) , although nearly one half are accreted during phase 1 and phase 2.
Since all relevant timescales (planet formation, disk evolution, and migration) are of the same order of magnitude, it appears difficult to obtain a self-consistent model while omitting anyone of these processes. In Section 2 below, we briefly summarize our efforts to develop such a self-consistent model within the framework of the core-accretion scenario. New formation models of giant planets including these processes are presented in Section 3. In Section 4, we will use these models to calculate the corresponding volatile enrichment and will compare them to the observed one in Jupiter. A summary and conclusions are presented in Section 5.
The Model
Basically, our model to compute the formation of giant planets follows closely the work by Pollack et al. (1996) with some notable addition. It consists in three different modules that calculate: 1) the disk structure and its time evolution, 2) the interaction of planetesimals with the atmosphere of the planet, and 3) the internal structure of the planet. We give here a short description of each module. More details and some tests of the model can be found in Alibert et al. (2004a) .
DISK STRUCTURE AND EVOLUTION
Contrary to Pollack et al. (1996) , we do not assume a static disk but rather a time evolving one. For simplicity, we assume a so-called α-disk (axisymmetric and with constant α) for which we determine the structure (both vertical and radial) as a function of time using the method described in Papaloizou and Terquem (1999) . From the vertical structure, we compute, as a function of distance to the star r , the surface density and subsequently the mid-plane temperature and pressure T mid (r, ), P mid (r, ) the mean viscosity ν(r, ), and the disk density scale height H (r, ). The first two quantities are needed as boundary conditions in the calculation of the internal structure of the planet, whereas the two others enter in the calculation of the radial structure of the disk. The time evolution of the disk is governed by a diffusion equation, modified to take into account the momentum transfer between the planet and the disk, as well as the effect of photo-evaporation. The rate of momentum transfer between the planet and the disk is calculated following Lin and Papaloizou (1986) 
where a is the sun-planet distance and f is a numerical constant. The photoevaporation term is as in Veras and Armitage (2003) .
MIGRATION
Gravitational interactions between the growing protoplanet and the disk lead to inward migration and possibly gap formation (Lin and Papaloizou, 1986; Ward, 1997; Tanaka et al., 2002) . For low mass planets, the migration rate is linear with mass (type I migration, Ward, 1997) .
Higher mass planets open a gap and the migration rate is set by the viscosity (type II migration, Ward, 1997) . While the general physical understanding of the origin of migration is clear, the actual migration rates obtained for type I migration especially are so short that all planets should actually be destroyed by the central star long before the disappearance of the gaseous disk. Tanaka et al. (2002) have performed new analytical calculations of type I migration, in two or three dimensional disks and found longer migration timescales but unfortunately still too short to ensure survival. Further suggestions for increased type I migration timescales can be found in calculations by Nelson and Papaloizou (2003) . As suggested by these authors, torques exerted on at least small mass planets (M planet < 30M ⊕ ) embedded in turbulent MHD disks are strongly fluctuating resulting in a slow down of the net inward motion. Moreover, as shown by Menou and Goodman (2003) , type I migration of low-mass planets can be slowed down by nearly one order of magnitude in regions of opacity transitions.
These considerations seem to indicate that the actual migration timescales may in fact be considerably longer than originally estimated by Ward (1997) or even by Tanaka et al. (2002) . For these reasons, and for lack of better knowledge, we actually use for type I migration the formula derived by Tanaka et al. (2002) reduced by an arbitrary numerical factor f I (set to 1/30 in this paper). Tests have shown that provided this factor is small enough to allow planet survival, its actual value does not change the formation timescale but just the extend of migration (see Section 3.3).
For type II migration, two cases have to be considered. For low mass planets (when their mass is negligible compared to the one of the disk) the inward velocity is given by the viscosity of the disk. When the mass of the planet becomes comparable to the one of the disk, migration slows down and eventually stops. In this latter case, the variation of the planet's orbital momentum is equal to the angular momentum transport rate (Lin and Papaloizou, 1985; Lin et al., 1996) :
where 2 = G M star /a 3 planet , and the second term is calculated at the current position of the planet, a planet , but using the non perturbed gas surface density. In all cases of type II migration, the migration rate is limited to the viscous velocity of the disk.
Migration type switches from type I to type II when the planet becomes massive enough to open a gap in the disk which occurs when the Hills radius of the planet becomes greater than the density scale height H of the disk.
THE PLANETESIMALS
In this module we compute the trajectory, the energy and mass loss of planetesimals falling through the atmosphere of the planet under the influence of gravity and aerodynamic drag forces. The drag coefficient is calculated (assuming a sphere) as a function of the local Mach and Reynolds numbers using the equations given by Henderson (1976) . The loss in kinetic energy results in a local heating of the planet's atmosphere which enters in the calculation of the internal structure. Given the size of the planetesimals considered here (100 km), ablation is found to be negligible and deposition of mass occurs almost entirely due to fragmentation which occurs when the pressure at the stagnation point becomes larger than the planetesimals tensile strength. We do not take into account any diffusion effects that could bring planetesimals from outside to inside the feeding zone.
Due to the scattering effect of the planet, the surface density of planetesimals is constant within the current feeding zone but decreases with time proportionally to the mass accreted (and/or ejected from the disk) by the planet.
The feeding zone is assumed to extend to a distance of 4 R Hill on each side of the planetary orbit, where R Hill is the Hills radius of the planet. We use the expressions in the Appendix B and C of Greenzweig and Lissauer (1992) to calculate the gravitational enhancement factor.
For the inclination and eccentricities of the planetesimals we adopt the same values as in Pollack et al. (1996) . For the physical properties of the planetesimals we use the values for ice.
Finally, it is important to take into account the ejection of planetesimals scattered by the planet since the amount of planetesimals ejected from the feeding zone directly determines the final abundance of heavy elements in the planet. To compute the ejection rate, we use the accretion to ejection ratio scaling derived from Ida and Lin (2004) :
where V Kepl is the disk keplerian velocity at the planet location, and V esc,planet the escape velocity from the planet. This latter formula is an order of magnitude estimate for the ejection rate, and is still subject to some uncertainties. However, work by Guillot and Gladman (2000) suggests that the ejection rate may be high enough to prevent the accretion of more than ∼ 8M ⊕ on a 10M ⊕ core, at the present location of Jupiter. This suggests that the ejection rate may be signicantly higher than the one given by Equation (3) using f acc = 1.
Ongoing N -body calculations (Horner et al., 2004) suggest a value of f acc of the order of 10 to 100 depending on the planet's location and planet's mass. We will assume in the results presented here f acc = 10.
PROTOPLANET STRUCTURE AND EVOLUTION
The internal structure of the planet is calculated, taking into account a growing core (and the inner luminosity due to the accretion of planetesimals). We use for the models presented here the sinking approximation described in Pollack et al. (1996) : after dissolution inside the envelope, planetesimals debris are assumed to slowly sink to the core, leading to an extra term in the luminosity. This corresponds to the approximation used in the standard case of Pollack et al. (1996) . As shown by Alibert et al. (2004a) , planetesimals are destroyed relatively deep in the envelope. Consequently, the differences between the sinking and the no sinking approximation are found to be much smaller than in Pollack et al. (1996) .
The equations of planet evolution are solved, using opacities from Bell and Lin (1994) and the equation of state from Chabrier et al. (1992) . The outer boundary conditions are given by requiring that the disk and the planet join smoothly at the outer radius, i.e. T surf = T mid (r, ), and P surf = P mid (r, ). The gas accretion rate onto the planet is determined by the condition: R planet = min(R Hill , R acc ) where R planet is the outer radius of the planet, and R acc the accretion radius (see Pollack et al., 1996) . At each timestep, we calculate the mass of the envelope required to reach this condition. However, in reality, the latter condition can only be satisfied if the disk can actually supply enough gas to the planet. Once a gap in the disk opens, the maximum gas accretion rate is set to the rate given by Veras and Armitage (2003) . At this stage, the growth in mass of the planet is set by the disk and no longer by the internal structure of the planet which is no longer computed.
New Formation Models

IN SITU FORMATION
To properly quantity the effect of migration on planet formation, we first compute a model in which migration is turned off. Figure 1 shows the mass of accreted planetesimals as well as the mass of gas as a function of time for a planet at 5.5 AU. The gas and solid surface densities are non evolving in this simulation, and their values are 525g/cm 2 and 10g/cm 2 . As in Pollack et al. (1996) , we do not consider the ejection in this simulation and the next one.
This model corresponds approximately to case J2 of Pollack et al. (1996) , the corresponding timescale for formation being around 50 Myr in their simulation. The three phases described in Pollack et al. (1996) are clearly identified, the timescale for formation is given by the length of phase 2. The formation time is around 30 Myr, somewhat lower than in Pollack et al. (1996) , but still much longer than typical disks lifetimes. The difference with Pollack et al. (1996) provides a measure for the sensitivity of the results to differences in physical and numerical approximations used in both approaches. In particular, we use a different equation of state and opacity law (which has been shown to have a huge influence on the length of phase 2, see Pollack et al., 1996) , and our initial model is not exactly the one of Pollack et al. (1996) .
INITIAL DISK MODELS
To calculate models with migration and disk evolution, we have to specify an initial disk profile, as well as the disk viscosity. We will consider two kinds of initial surface density profiles, ∝ r −2 , and ∝ r −3/2 , where r is the distance to the sun. The viscosity parameter α is set to 2 × 10 −3 which yields a typical evolution time of the disk of a few Myr. The gas-to-dust ratio is equal to 70 for disk mid-plane temperature below 170 K, and 280 in the opposite case. The numerical parameters are f I (reduction of type I migration) equal to 1/30 and f , the numerical factor in the expression of the momentum transfer between the planet and the disk, set to 0.05. This latter choice gives a reduction of due to momentum transfer around 30% when the disk density scale height equals the Roche radius of the planet (corresponding to the moment when migration switches from type I to type II). The main conclusions presented here remain valid if f is set to 0: the effect of gap formation on formation is essentially due to the limitation of the accretion rate of gas (see Section 2.4), and not due to the variation of the boundary conditions at the surface of the planet.
FORMATION WITH MIGRATION: TIMESCALE TO ACCRETE A MASSIVE ENVELOPE
We first calculate the timescale to reach the crossover mass (mass of accreted planetesimals equal to mass of accreted gas). We consider an initial disk density profile given by ∝ r −2 , the constant being chosen to yield = 525g/cm 2 at 5.2 AU. As in Pollack et al. (1996) , this surface density profile is chosen to have isolation masses that do not depend on the distance to the sun. In this section, we do not take into account photo-evaporation nor ejection, and we start with an embryo of 0.6M ⊕ initially at 8 AU. Figure 2 shows the mass of planetesimals and the mass of gas accreted by the planet as a function of time. Note that the mass of accreted planetesimals does not correspond to the core mass since some fraction of them are being destroyed while traversing the envelope and never reach the core.
As in Pollack et al. (1996) , the formation timescale is essentially determined by the time necessary to reach the runaway accretion phase which occurs shortly after the crossover mass (mass of core equals mass of envelope), M cross , has been reached. Allowing for migration and disk evolution, we obtain a formation time of about ∼1 Myr, i.e. thirty times faster than in our identical model in which migration and disk evolution have been switched off. The main reason for this speed-up is that owing to migration, the feeding zone is not as severely depleted as in Pollack et al. (1996) , and hence, the long time needed to reach critical core mass and start runaway gas accretion is suppressed. Taking into account migration, the moving planet always encounters new planetesimals and thus its feeding zone is never emptied. To illustrate this important point, Figure 3 shows the initial and final disk profiles (for both the gaseous and the solid component).
Comparing a planet formed in situ or allowed to migrate at times of equal core mass (beginning of the simulation and after 0.7 Myr), we note that the envelope mass is always larger in the migrating case. This effect can also contribute to the speed-up, and can be understood as the combination of two effects (see Papaloizou and Terquem, 1999) :
1. for a given core mass and distance to the star, the envelope mass increases when the accretion rate decreases 2. at a fixed accretion rate and core mass, the mass of the envelope is a growing function of the distance to the star. This speed-up effect appears to be very robust against changes in the value of f I (reduction of type I migration), provided its value is small enough to ensure survival of the planet. For example, in a calculation in which the reduction of type I migration ( f I ) is set to 0.1, an embryo starting at 15 AU undergoes runaway accretion in less than 3 Myr. Reducing type I migration by 0.01 leads an embryo initially at 7 AU to runaway after less than 1 Myr.
FORMATION OF A GIANT PLANET AT 5 AU
Depending on the different physical parameters used, a wide variety of giant planets can be formed. As an example, we provide here the result of a simulation yielding a giant planet of mass ∼ 350M ⊕ located at about 5 AU within less than 3 Myr. In this example, we consider a density profile, ∝ r −3/2 normalized so that the mass of the disk (between 0.5 AU and 50 AU) is 0.04M , and a disk photo-evaporation rate 10 −8 M /yr. The type I reduction parameter is taken equal to 1/100, and we do not take into account the effect of gap formation on the boundary conditions at the surface of the planet * . We start the calculation with an embryo at 11.5 AU. Figure 4 shows the evolution of the mass of the gaseous envelope, the mass of accreted planetesimals, as well as the mass of the disk, and Figure 5 gives the distance to the sun as a function of time. The crossover mass is reached after 1.6 Myr, and at the same time, due to gap formation, the accretion rate of gas is limited to its maximum value, which decreases with decreasing disk mass. The formation process ends after less than 3 Myr when the disk has disappeared. The final planet is characterized by a core of ∼ 6M ⊕ and an envelope of ∼ 360M ⊕ of which ∼ 36M ⊕ are accreted planetesimals which were destroyed before reaching the core. This final mass of heavy elements may be slightly increased further during the late stages of the formation, when the planet will accrete and/or eject the remaining planetesimals inside its final feeding zone. However, given the uncertainty on the ejection rate, the final content of heavy elements is not strongly constrained.
The migration of the planet can be divided into three phases. Before ∼1 Myr the planet undergoes type I migration at which time migration switches to type II. Shortly before the end of the formation process, at ∼2.5 Myr, the mass of the planet becomes non negligible compared the disk mass and migration slows down and eventually stops when the disk has disappeared. At the end of the simulation, the planet is located at 5.14 AU, but it is expected that it will move to ∼5 AU before the disk has completely disappeared.
Note that the extent of migration, and therefore the starting location of the embryo for a fixed endpoint, strongly depends upon the type I migration rate ( f I ). A higher rate ( f I = 0.03) results in the formation of a similar planet from an embryo initially located at ∼ 15 AU. Reducing the type I migration rate would also reduce the starting location of the embryo. 
Comparison with Observational Constraints from Jupiter
We now consider the model of Section 3.4 which has a core and a total mass comparable to Jupiter and is located at a similar distance to the sun.
CORE MASS VS. TOTAL MASS OF HEAVY ELEMENTS
The total mass of heavy elements present inside the atmosphere of the planet is ∼ 36M ⊕ , coming from the accretion of planetesimals that have been destroyed inside the envelope before reaching the core * . The total mass of heavy elements inside the atmosphere is then compatible with the one derived by Guillot et al. (2004) , whereas the mass of the core seems slightly too high. We obtain a core mass of ∼ 6M ⊕ , whereas the maximum core mass compatible with Guillot et al. * One should also take into account some heavy elements accreted with the gas, but their abundance in the gas after planetesimals formation is highly reduced and therefore this contribution remains small.
(2004), for our total mass of heavy elements, is of the order of ∼5M ⊕ . However, this mass depends on the assumed physical properties of the planetesimals. For example, considering some reduced tensile strength (for example due to voids or failures in planetesimals) would reduce this value. Moreover, the mass of the core may be reduced further if it dissolves to some extend during the evolution of the planet (Guillot et al., 2004) .
Finally, we note again that the total mass of heavy elements depends on the ratio of planetesimal ejection versus accretion rate which can become quite large at late time.
VOLATILE ENRICHMENTS IN THE ATMOSPHERE OF JUPITER
In order to interpret the volatile enrichments measured in Jupiter by Atreya et al. (1999) and Mahaffy et al. (2000) , Owen et al. (1999) proposed that the heavy elements in Jupiter were acquired from the delivery of planetesimals formed from amorphous ices. Hence, they suggested that either Jupiter was formed beyond 30 AU before migrating to its actual position, or that the solar nebula was substantially cooler at 5 AU than described by popular models, or that the heavy elements were delivered by planetesimals originating from distant regions. On the other hand, Gautier et al. (2001a; and Hersant et al. (2004) taking into account the in situ scenario of Pollack et al. (1996) , proposed that volatiles were trapped as clathrate hydrates or hydrates in planetesimals located in the feeding zone of the giant planet. In order to model the corresponding enrichments of Jupiter's envelope, they assumed that most of solids were collected by the giant planet during the hydrodynamical collapse phase, at the end of the formation process, which is not strictly speaking consistent with Pollack et al. (1996) .
In this subsection, we calculate the theoretical enrichments of Ar, Kr, Xe, C, N, and S in our Jupiter-like planet computed in section 3.4 and compare these values to those observed for Jupiter. For this, we assume that volatiles rich planetesimals were formed from ices crystalized in the solar nebula. These planetesimals are continuously accreted during the planet migration, as calculated by our code. Figure 6 describes the mass evolution of proto-Jupiter as a function of the distance to the Sun, for the model of Section 3.4. It can be seen that planetesimals start to accumulate onto proto-Jupiter as soon as migration begins. Accretion lasts until the planet reaches 5 AU. Volatiles are assumed to have been trapped in these planetesimals under the forms of hydrates, clathrate hydrates or pure ices during the initial cooling phase of the solar nebula, which is not modeled yet in our disk calculations. This phase is assumed to occur before the formation of the 0.6M ⊕ embryo. 
Composition of Planetesimals Accreted During the Formation of
Proto-Jupiter Current scenarios of formation of the solar nebula consider that ices and gases present in the presolar cloud fell onto the disk during the collapse of the cloud, and that most of ices vaporized in the nebula within 30 AU (Chick and Cassen, 1997) . This hypothesis is in agreement with the work of Mousis et al. (2002) who have shown that CO/CH 4 and N 2 /NH 3 ratios in vapor phase in the solar nebula remain quasi identical to the interstellar values. According to Alibert et al. (2004b) , we assume that C is present in vapor phase in the subnebula, in three species, namely CO 2 , CO and CH 4 . The adopted abundances ratio is here equal to 20/10/1. Regarding nitrogen, we assume that it is present in the form of N 2 and NH 3 , the ratio N 2 /NH 3 being a free parameter (see Alibert et al., 2004b , for a discussion).
We assume that the amount of available water along the migration pathway of proto-Jupiter is at least high enough to allow the trapping of the volatile species TABLE I Calculations of the ratios of trapped masses of volatiles to the mass of H 2 O ice in planetesimals formed at 5 and 20 AU in the solar nebula. Gas phase abundance of H 2 O is given in text and gas phase abundance of volatiles are assumed to be solar (Anders and Grevesse, 1989) with CO 2 /CO/CH 4 = 20/10/1 and with N 2 /NH 3 = 1 or 10 in vapor phase in the solar nebula. considered under the form of hydrates or clathrate hydrates. Assuming N 2 /NH 3 = 1 in the gas phase of the solar nebula and solar abundances (Anders and Grevesse, 1989) , the minimum required abundance of water at 5 and 20 AU is 1.85 and 1.95 times the solar water abundance (H 2 O/H 2 ∼ 5.54 × 10 −4 in the nebula, with CO 2 /CO/CH 4 = 20/10/1 in the gas phase), respectively. If N 2 /NH 3 = 10 in vapor phase in the solar nebula, the corresponding values are 1.91 and 2.02 at 5 and 20 AU, respectively. Table I gives the values of the different volatiles to H 2 O mass ratios in planetesimals for N 2 /NH 3 = 1 and 10 in the gas phase and for the corresponding minimum abundances of water at 5 and 20 AU in the solar nebula. Since these ratios remain practically identical whatever the distance to the Sun between 5 and 20 AU for given abundances of species, one can assume that icy planetesimals that took part in the formation of proto-Jupiter during its migration shared the same composition in volatiles than those formed at 5 AU. The results presented in this section will then not depend on the starting point of the embryo that will form Jupiter, provided it starts its formation process below 20 AU.
The Enrichment in Volatiles in Jupiter's Envelope
Knowing the amount of planetesimals accreted, as well as their composition, we can calculate the abundance of C, N, Ar, Xe and S in the atmosphere of our final planet. Mahaffy et al. (2000) , b Atreya et al. (1999) c mass of ices required to fit the observed enrichments with N 2 /NH 3 = 10 in vapor phase in the solar nebula d mass of ices required to fit the observed enrichments with N 2 /NH 3 = 1 in vapor phase in the solar nebula We first adopt N 2 /NH 3 = 10 in vapor phase. Using the results of our model, we have tried to reproduce the observed abundances of volatiles (see Table II ). While the total mass of heavy elements required in the envelope of Jupiter (40M ⊕ assuming a planetesimal ices/rocks (I/R) ratio equal to 4, see Table III ) is almost compatible with our model and is below the upper limit defined by Guillot et al. (2004) , we cannot fit the measured enrichment in carbon. Moreover, we obtain a slightly higher value than the upper limit for Xe and an excess of abundance for S. This excess of abundance for S results from the fact that this element was assumed to be exclusively in the form of H 2 S in the solar nebula. Since it has been shown that some H 2 S may have been consumed in the corrosion of Fe alloy grains at high temperature ranges in the solar nebula to form troilite FeS (Fegley, 2000) , one can argue that the abundance of H 2 S was subsolar in vapor phase in the solar nebula prior to its incorporation in icy planetesimals. Under this assumption, the abundance of H 2 S has been revised down to fit the measured upper value (0.62 times the solar abundance for N 2 /NH 3 = 10 in vapor phase).
Adopting now N 2 /NH 3 = 1 in vapor phase in the solar nebula, the minimum mass of ices required to fit the enrichments in volatiles is 27.6 M ⊕ , including 13.5M ⊕ of water and 14.1M ⊕ of volatiles. This corresponds to 34.5M ⊕ of heavy elements in the envelope of Jupiter with I/R = 4. This value is compatible with the ones derived from Guillot et al. (2004) but is slightly lower than what we obtained in our simulation (∼ 36M ⊕ ). However, given the uncertainties on the final value of heavy elements, the difference between the two values is probably not significant.
Finally, adopting, as in Hersant et al. (2004) , CO 2 /CO/CH 4 = 0/10/1 and N 2 /NH 3 = 10 in the gas phase of the solar nebula, we can also fit the observed enrichments. However, in that case, at least 37.6M ⊕ of water and 10M ⊕ of volatiles are required in the envelope of Jupiter. Hence, whatever the adopted I/R ratio, the value of heavy elements required (> 47.6M ⊕ ) always exceeds the highest mass of heavy elements (42 M ⊕ ) allowed by the internal structure models of Jupiter by Guillot et al. (2004) .
Summary and Discussion
Our calculations show that the formation of giant planets, can be sped-up if one takes into account the effect of migration. This is mainly due to the suppression of phase 2 described in Pollack et al. (1996) . We then obtain formation timescales that are compatible with the observed lifetime of protoplanetary disks, without having to consider disks significantly more massive than the minimum mass solar nebula. This effect of course, does not preclude other effects such as reduction of opacity (Hubickyj et al., 2003) , formation of vortices prior to planet formation (Klahr and Bodenheimer, 2003) or fragmentation of planetesimals (Inaba et al., 2003) to further reduce this timescale.
Using this model, we are able to model the formation of a Jupiter-like planet, with final properties in good agreement with the ones of Jupiter (core mass, mass of heavy elements, mass of gas, and distance to the sun). We note however that the final mass of heavy elements accreted is a function of the ratio of ejection to accretion rate. A change in this ratio woul modify the accretion rate of solids towards the end of the formation process but not during the early phases. More work is needed to quantify this effect.
The model presented here starts with an embryo located at some arbitrary distance from the star. The precise location depends on the actual type I migration rate, and may be between ∼10 to ∼15 AU for the rates considered here. However one can wonder how likely it is to find embryos at such large distances (Thommes et al., 2003) . On the other hand, simulations by Weidenschilling et al. (2004) show that an embryo can be ejected from inner regions in a relatively short timescale (of the order or less than 1 Myr).
In our simulation forming Jupiter, at the time the planet reaches the current orbit of Saturn, its mass is ∼30M ⊕ so that perturbations on other objects (such as the Kuiper Belt Objects) will remain small. A planet formed from an embryo initially located much further away (with an increased type I migration rate) might perturb the exterior part of the solar system, and not be consistent with the existence of a cold Kuiper Belt. More calculations are needed to adress this point, which might set an upper limit on the total migration of the planet. Similarly, the effect of migrating giant planets on the terrestrial planet formation, especially in the case of giant planets crossing this region, remains an important issue.
In the framework of our current model, we can reproduce the results on Jupiter derived by Guillot et al. (2004) , regarding the mass of the core and the total mass of heavy elements accreted. Moreover, assuming ices/rocks ratio of accreted planetesimals equal to 4, and that CO 2 was present in vapor phase in the outer solar nebula, with CO 2 /CO ∼2, a value consistent with ISM measurements (Gibb et al., 2004) , we can explain the enrichments in volatiles observed by the Galileo probe, while being compatible with Guillot et al. (2004) .
Finally, it appears very difficult to form a planet, and to prevent it from spiraling into the sun if the amount of type I migration as computed today is not reduced by a factor of at least 10. Our results then strongly suggest that there might still be a serious problem in our understanding of this type of migration.
